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Abstract
We investigate the eﬀects of X-ray radiation on the ionization distribution in
the wind of ζ Pup (O4 If). In particular we have studied how the distribution of
the “superionization” species OVI is aﬀected by X-ray source characteristics. In our
calculations, detailed statistical equilibrium and atomic physics models are used to ensure
that critical processes such as photoionization out of excited states and Auger ionization
are considered. For shock-produced X-ray sources we show how the distribution of X-ray
emission aﬀects the OVI P-Cygni proﬁle and the resultant X-ray spectrum. For coronal
sources we examine the sensitivity of the X-ray spectrum and OVI proﬁle to the mass loss
rate and attenuation by the overlying wind. Results are compared with UV data from
Copernicus and X-ray spectral data from the Einstein IPC and BBXRT. We ﬁnd that
coronal models are consistent with both UV and X-ray data but only if the mass loss rate
< 1 × 10−6 M /yr, which is a factor of at least 3 to 5 lower than the values deduced
is ∼
from radio observations. Results from calculations using a mass loss rate inferred from
radio observations suggest that the X-ray source is distributed throughout the wind. In
addition, calculations using a distributed X-ray source indicate that a signiﬁcant X-ray
ﬂux must originate from regions close to the star (within 2 stellar radii) in order to
produce an OVI P-Cygni proﬁle consistent with observations.

I. Introduction
Since X-ray emission from early-type stars was discovered more than a decade ago
(Harnden et al. 1979; Seward et al. 1979; Long and White 1980; Cassinelli et al. 1981)
the source of the X-rays has been the subject of debate. Observations indicate that O
stars have X-ray luminosities of LX ∼ 10−7 Lbol (Sciortino et al. 1990) with characteristic
plasma temperatures of 106 − 107 K (Chlebowski et al. 1989). The observed presence
of “superionization” states OVI and NV in the winds of hot stars led Cassinelli and
Olson (1979) to propose that X-rays from a thin base corona produce the ions by way
of the Auger eﬀect. Olson (1978) and Olson and Castor (1981) used the base coronal
model to interpret the UV resonance line proﬁles of these ions. Observations from the
Imaging Proportional Counter (IPC) (Long and White 1980; Cassinelli et al. 1981) and
the Solid State Spectrometer (SSS) (Cassinelli and Swank 1983) failed to show evidence
of K-shell photoabsorption from oxygen present in the overlying cool wind. Coronal
model calculations using mass loss rates inferred from radio observations indicate that
such K-shell attenuation should have been observable. This suggested that at least part
of the X-rays originate above the base of the cool wind. Recent observations of ζ Pup
using the Broad-Band X-ray Telescope (BBXRT) (Corcoran et al. 1992) have provided
the ﬁrst detection of oxygen K-shell photoabsorption due to the overlying wind. However,
using a mass loss rate based on radio data, the measured optical depth was found to be
consistent with an X-ray source located signiﬁcantly above the photosphere, but at less
than 10 stellar radii.
Waldron (1984) argued that if the coronal luminosity is suﬃciently high and its
eﬀect on the overlying wind is taken into account, the coronal hypothesis cannot be ruled
out. Baade and Lucy (1987) argued that the lack of detection of the Fe XIV 5303 Å
coronal emission line, which would be expected to be observable if coronal parameters
predicted by Waldron (1984) and Cassinelli et al. (1981) are correct, strongly suggests
that the bulk of the X-rays are embedded in the wind. It is important to note, however,
that the 5303 Å line is only be expected to be observed for coronal plasma temperatures
6
−3
> 57
<
∼ 4 × 10 K and emission measures ∼ 10 cm .
An alternative explanation for the origin of X-rays is that strong shocks form in
the winds of hot stars due to radiatively-driven instabilities (Lucy and White 1980; Lucy
1982). In this scenario K-shell attenuation by oxygen need not be as signiﬁcant because
the column density of the overlying cool plasma between the shock and the observer is
reduced. Owocki and Rybicki (1984, 1986), Owocki et al. (1988), and Owocki (1991)
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performed detailed analyses of the formation and growth of shocks due to line driven
instabilities. Calculations using a pure absorption model (Owocki et al. 1988) predict
< 1.5 R∗ ) into strong shocks.
that instabilities evolve very rapidly (starting within r ∼
More recent calculations which include scattering eﬀects (Owocki 1991) indicate that
while scattering can signiﬁcantly damp the growth of the instability, strong shocks can
still be generated. In other studies, Mullen (1984) proposed that corotating interaction
regions, in which shocks evolve to a “spiral-type” structure as faster components of
the wind overtake slower components, could readily explain both the X-rays and the
observed presence of narrow absorption features in UV P-Cygni proﬁles (Lamers et al.
1982). MacFarlane and Cassinelli (1989) showed that even the observed X-ray emission
from stars with relatively low mass loss rates (e.g., τ Sco, B0 V) could also be explained
by wind shocks.
Additional hypotheses for the origin of X-rays from early type stars have also
been recently proposed. Chen and White (1991) argued that relatively hard X-rays with
> 2 keV could be produced as UV photons are scattered by relativistic
photon energies ∼
electrons which are accelerated in wind shocks. Cheblowski (1989) has suggested that
the X-rays are not related to wind conditions near the star, but instead are produced
from the interaction of the stellar wind with circumstellar matter.
It is widely believed that the X-ray radiation ﬁeld is responsible for the observed
presence of OVI in the winds of many early-type stars for the following reasons: (1)
the observed X-ray ﬂux is suﬃcient to produce quantities of OVI consistent with UV
observations (Olson and Castor 1981); and (2) OVI has been observed for stars as late as
B0 - B1 (Cassinelli and Olson 1979), whereas ionization equilibrium calculations (Drew
1989) indicate that very little OVI should be present in the winds of late O and early B
stars. Interestingly, Pauldrach (1987) argued that OVI can be produced in the winds of
hot stars without X-rays. However, this seems unlikely to be true for late-O and early-B
stars because of their lower eﬀective temperatures. Furthermore, Pauldrach neglected
to include in his calculations the process of dielectronic recombination, a process which
has been shown to be extremely important — quite often the dominant recombination
process — even at relatively cool plasma temperatures (T ∼ 104 − 105 K; Nussbaumer
and Storey 1983, 1984).
If indeed OVI is produced by the X-ray radiation ﬁeld, then it seems that
additional information concerning the X-ray source location might be obtained from
its UV P-Cygni proﬁle. One of the primary objectives of this paper is to show how the
2

OVI P-Cygni proﬁle, in conjunction with X-ray spectral data, can be used to further
constrain the characteristics of the X-ray source. In particular, we examine under what
conditions these two types of observational data are compatible with the various Xray source hypotheses. To do this we have performed a series of ionization balance
calculations for a particularly well-studied star: ζ Pup (O4 If). The X-ray distribution
in our calculations is modeled in one of 2 ways: (1) a thin corona at the base of the wind;
or (2) a distributed X-ray source meant to resemble a series of many shocks propagating
through the wind. In addition, fairly elaborate atomic models are used so that both Auger
ionization from the X-rays and photoionization out of excited states could be properly
taken into account. The latter process has been shown to be crucial in determining the
ionization properties of hot star winds (Pauldrach 1987; Drew 1989). But while the
previous studies of Drew and Pauldrach made notable advances in our understanding
of the ionization structure of hot star winds, neither considered the eﬀects of the X-ray
radiation ﬁeld on the ionization balance.
In this paper, we describe results from ionization balance calculations for ζ Pup
which show the dependence of the OVI distribution and the resulting P-Cygni proﬁle
on the location of the X-ray source. We have used the UV P-Cygni proﬁle observed by
Copernicus (Morton 1976) and X-ray spectra obtained from the Einstein IPC (Cassinelli
et al. 1981) and BBXRT (Corcoran et al. 1992) as observational constraints. For coronal
models, we set limits for wind and X-ray parameters which are consistent with both
the X-ray and UV data. For shock models we attempt to deduce the region (radius)
where a signiﬁcant fraction of the X-rays start to form. In addition, we examine which
processes are most responsible for producing the OVI, and describe the sensitivity of the
OVI proﬁles to some of the uncertainties in the calculations, such as the temperature
distribution in the wind.

II. Model Description
(a) Wind Parameters
We assume a spherically symmetric expanding wind with a wind particle (ion)
density given by:
Ṁ
,
(1)
nw (r) =
4πr 2 v(r)µmH
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where Ṁ is the mass loss rate and µmH is the average atomic mass for the wind. The
velocity ﬁeld at radius r is speciﬁed by


R∗
v(r) = v0 + (v∞ − v0 ) 1 −
r

β

,

(2)

where v∞ is the terminal velocity, R∗ is the radius of the star, and v0 is the minimum
velocity at the base of the wind. For ζ Pup, we take β to have a value of 0.7,
R∗ = 16 R , v∞ = 2200 km/sec (Groenewegen and Lamers 1989), and v0 = 0.01v∞ .
The mass loss rate was adjusted between the range of 1×10−6 and 5×10−6 M /yr.
By comparison, the values deduced from radio observations are 3.5×10−6 M /yr (Abbott
et al. 1980) and 5 × 10−6 M /yr (Bieging et al. 1989), while that from UV observations
is 7 × 10−6 M /yr (Lamers and Morton 1976). Determining mass loss rates from UV
observations is very diﬃcult due to uncertainties in the ionization distribution and the
fact that the P-Cygni lines tend to be nearly saturated for ζ Pup (Groenewegen and
Lamers 1989).
The wind temperature is potentially a major source of uncertainty in determining
the ionization balance. Early work by Klein and Castor (1980) using H-He wind models
predicted wind temperatures to be about 0.8 Teﬀ . However, Drew (1989) has shown that
cooling due to heavy element line radiation can result in signiﬁcantly lower temperatures
— as low as 0.3 Teﬀ at r = 10 R∗ . In our calculations for ζ Pup, we have chosen a
temperature distribution from Drew’s results as our base case. To assess the sensitivity
of our results to uncertainties in the wind temperature, several calculations were also
performed using T = Teﬀ .
(b) Statistical Equilibrium
The distribution of atomic level populations throughout the wind is determined
by solving multilevel statistical equilibrium equations. The steady-state rate equation
for atomic level n can be written as (see e.g., Klein and Castor 1978):

m<n

[nm (Bmn Jmn + ne Cmn ) − nn (Anm + Bnm Jmn + ne Cnm )]
+


m>n

[nm (Amn + Bmn Jmn + ne Cmn ) − nn (Bnm Jmn + ne Cnm )]
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+ n∗n,κ ne Cn,κ +
− nn ne Cn,κ −


κ


κ

n∗n,κ



νn,κ


α

nn

α

νn,κ



4π
2hν 3
+ Jν
αn,κ (ν)
hν
c2





hν
exp −
kT





dν



4π
αn,κ (ν)Jν dν − nκ ne αDR = 0 .
hν

(3)

The ﬁrst two summations include the collisional and radiative rates for all bound-bound
transitions. The quantities ne and nm represent the electron density and number density
of particles in atomic level m, respectively. The Einstein coeﬃcients are given by Amn
and Bmn , while the collision rate coeﬃcients are represented by Cmn . The mean intensity
averaged over the line proﬁle, Jmn , is computed using the Sobolev approximation (Castor
1970):
3
2hνmn
= (1 − βmn )
c2
+ βc,mn Ic (νmn ) ,

Jmn



nm gn
−1
nn gm

−1

(4)

where hνmn is the energy of the line transition, gm and gn are the statistical weights, and
Ic (νmn ) is the photospheric radiation intensity at the frequency of the transition. The
quantities βmn and βc,mn are angle-integrated escape probability functions given by
βmn =
and
βc,mn

 1

1
=
2

0



1 + σx2
τmn
1 − exp −
τmn
1 + σx2

 1
x1





1 + σx2
τmn
1 − exp −
τmn
1 + σx2

dx


dx ,

where
x1 = (1 − R∗2 /r 2 )1/2
and σ is deﬁned by the radial derivative of the wind velocity v(r):
σ=

d ln v(r)
− 1.
d ln r

In Eq. (5), the optical depth τmn is given by
τmn =

r
πe2
gm
fmn (nm −
,
nn ) λmn
me c
gn
v(r)

where fmn and λmn are the oscillator strength and wavelength for the transition.
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(5)

The ionization and recombination processes included in Eq. (3) are as follows. The
upper state of such transitions is represented by the index κ. The quantity n∗n,κ is the
LTE value of nn determined from the values of ne , nκ , and the temperature T (see, e.g.,
Mihalas 1978). Photoionization of electrons out of all subshells is computed. For K-shell
photoionization, autoionization to the ground state of the next higher ionization stage
is assumed (e.g., OIV goes directly to OVI). The cutoﬀ frequency and photoionization
cross section are given by νn,κ and αn,κ (ν), respectively. The calculation of the mean
intensity, Jν , is discussed below. The last term in Eq. (3) is the contribution from
dielectronic recombination. This is often the dominant recombination process for many
ions at the conditions prevalent in stellar winds. In our model, we consider dielectronic
recombination between ground states of adjacent ions only. The rate coeﬃcients (αDR )
are obtained by the formulae of Nussbaumer and Storey (1983).
(c) Atomic Models
Our model wind is composed of six elements — H, He, C, N, O, and Si — in
proportions given by the cosmic abundances of Allen (1973). A total of 203 atomic levels
and 26 ionization stages were considered. A disproportionately large number of levels
(70) were considered for oxygen because of our particular interest in predicting the OVI
distribution in the wind.
Energy levels, oscillator strengths, and photoionization cross sections were
obtained from Hartree-Fock calculations. L-S coupling was used to model the angular
momentum coupling between electrons. For each level, photoionization cross sections
were computed for electrons in each subshell and ﬁt to the formula
σ(ν) = σ(ν1 ) (1 − β)



ν1
ν

s



+β

ν1
ν

s+1

,

(6)

where ν1 is the cutoﬀ frequency, and β and s are parameters obtained from the ﬁtting
procedure. Cross sections were computed for each subshell of all states so that all
photoionization processes, including Auger ionization and photoionization out of and
into excited states, could be treated.
Collisional rate coeﬃcients for all electric dipole-allowed transitions were computed
using a semi-classical impact parameter model (Burgess and Summer 1976). In addition,
distorted wave (Sobelman et al. 1981) calculations were performed to obtain collisional
6

rate coeﬃcients for forbidden transitions involving the ground state of each ion. Thus,
all excited states were coupled with the ground state in our atomic models, while all
allowed transitions between excited states were collisionally coupled. Although collisional
ionization and recombination tend not to be important processes in the cool portion of
hot star winds, collisional excitation can be an important process (Pauldrach 1987). A
detailed description of the atomic physics models is given elsewhere (Wang 1991).
(d) Radiation Field
The radiation ﬁeld includes contributions from 3 components: the photosphere,
diﬀuse radiation from the wind, and X-ray radiation from a hot (T > 106 K) plasma. At
photon energies below the He II Lyman continuum edge the radiation ﬁeld is dominated
by photospheric radiation. We assume the wind continuum opacity below this energy is
negligible so that the mean intensity and the continuum speciﬁc intensity in Eq. (3) are
given by:
Jν = 4 W H ν ,
and
Ic,ν = 4 Hν ,

(7)

where W is the local dilution factor, and Hν is the Eddington ﬂux at the top of the
photosphere as prescribed by Mihalas (1972). The entire wind is considered “external”
to the photosphere and there is no inﬂuence from the wind on the photosphere (“corehalo” approximation). Since ζ Pup’s photospheric parameters (Teﬀ = 42, 000 K, log g
= 3.8) lie between the grid of non-LTE atmospheres models computed by Mihalas, the
Eddington ﬂuxes were obtained by logarithmic interpolation between the Teﬀ = 45,000 K,
log g = 4.0 and Teﬀ = 40,000 K, log g = 3.5 models.
The diﬀuse radiation ﬁeld is approximated by assuming that the mean intensity at
each point is speciﬁed by the source function for the “dominant” bound-free transition.
That is,
Bν (T (r))
,
(8)
Jν =
b1 (r)
where Bν is the Planck function at the local wind temperature, and b1 is the LTE
departure coeﬃcient for the transition. At photon energies between 54.4 and 77.4 eV,
we use a departure coeﬃcient for the He II ground state. Above 77.4 eV and 113.9, the
OIV and OV ground state departure coeﬃcients are used, respectively.
7

X-ray emission is modeled with an isothermal high temperature plasma region.
The source is located either at the base of the wind (corona) or is distributed throughout
the wind (shocks). The mean intensity at each frequency and each spatial point is
obtained by solving the integral form of the radiative transfer equation along a grid of
impact parameter rays. The X-ray emissivity can be expressed as:
ηνx (r) =

1
Γ(r) Λν ,
4π

(9)

where Γ(r) is the volume derivative of the X-ray emission measure, EMx (≡ d V nxe nxH ),
and Λν is a frequency-dependent cooling parameter computed using the XSPEC code of
Raymond and Smith (1977). For coronal model calculations the X-ray source is placed
in a thin region at the base of the wind. For shock model calculations, the diﬀerential
emission measure was speciﬁed by:




Γ(r) =




C1 nαw (r)

r ≤ x0 R∗

C2 n2w (r)

r > x0 R∗

(10)

where nw in the cool wind density, and C1 and C2 are constants constrained by the
observed X-ray ﬂux and the requirement that Γ be continuous at r = x0 R∗ . If the X-ray
source is uniformly distributed throughout the wind Γ(r) would be proportional to n2w (r).
< xo R∗ to account for the ﬁnite growth time of the instabilities
We use the formula for r ∼
producing the shocks (see Owocki et al. 1988). Results are presented below for 2 values of
α in Eq. (10): α = −3, which corresponds to a very rapid increase in the X-ray emission
measure near xo R∗ ; and α = +1, which leads to a less steep rise in the emission measure.
(e) UV P-Cygni Profiles
Using the ionization distributions from our wind ionization calculations, OVI PCygni proﬁles were computed using a modiﬁed version of the SEI code (Lamers et al.
1987). The code was altered so that tabulated values of Ṁ qOVI (qOVI ≡ OVI ionization
fraction) could be used instead of the usual parameterized optical depth formula ((Eq. 40)
of Lamers et al.). The optical depth of the blue (B) or red (R) components at the scaled
wind velocity w (≡ v/v∞ ) is related to Ṁ qOVI by
τB,R (w) = Ṁ qOV I (w) ·

πe2 AE λB,R fB,R
·
2
me c
R∗ v∞
8

x2 w

dw
dx

−1

(11)

where λ and f are the wavelength and oscillator strength of the transition, AE is the
elemental abundance, and x ≡ r/R∗ . The “turbulent velocity” used in the line proﬁle
calculations was taken to be 0.20 v∞ . This value is somewhat higher than that found by
Groenewegen and Lamers (1989; vturb = 0.13 ± 0.03) based on ﬁts to P-Cygni proﬁles for
CIV, NV, and SiIV resonance lines and CIII and NIV subordinate lines. It was found that
the higher value of 0.20 v∞ resulted in better agreement with the observed OVI proﬁles.
Limb darkening eﬀects were computed also using the parameters given by Groenewegen
and Lamers.

III. Results
(a) Wind Models With No X-rays
Several calculations were performed without X-ray emission from a hot plasma
source for the purpose of comparing with previously published calculations, and to assess
the eﬀects of various processes on the OVI ionization fraction. To test the ﬁdelity of our
statistical equilibrium calculations, we performed a calculation identical to the 32,500 K
supergiant case reported by Drew (1989). Using atomic models and a temperature
distribution reported by Drew, the spatial dependence of ionization fractions for H, He,
C, N, and O were calculated and compared. For all ions except CIII the ionization
distributions agreed with those reported by Drew to within a factor of 2. We consider
this agreement to be quite good considering the facts that: (1) the ionization fractions
often varied in the radial direction by more than an order of magnitude, and (2) identical
atomic data was not used. The diﬀerences observed for CIII are simply a result of the CIII
photoionization edge being very close to that of the “mean light ion” used in the Mihalas
model atmosphere. It was found that a slight shift in the edge frequency could lead to
very diﬀerent results for the CIII fraction. This eﬀect, which results from the use of a
ﬁctitious atom in the Mihalas calculations, demonstrates the need for accurate predictions
of the radiation ﬁeld in the 40 - 100 eV range. The uncertainties associated with this
are likely to be the reason for the poor agreement found between theory and observation
(Groenewegen and Lamers 1991) for CIII (hν1 = 47.9 eV) and Si IV (hν1 = 45.1 eV)
ionization fractions.
To examine the inﬂuence of various physical eﬀects on the calculated OVI fraction,
we performed a series of calculations in which various parameters were adjusted. In each
calculation, Ṁ = 4 × 10−6 M /yr and X-ray emission was not included. Our base
9

Table 1
Calculated OV and OVI Fractions at v = 0.5 v∞
for Wind Models With No X-rays
Ion

Case 1

Case 2

Case 3

Case 4

Case 5

OV
OVI

0.15
2.3 × 10−6

0.17
< 10−12

0.14
2.2 × 10−6

0.28
2.0 × 10−5

0.84
1.0 × 10−3

calculation included: (1) a temperature distribution computed by Drew; (2) a relatively
detailed atomic model with a total of 203 levels; (3) diﬀuse radiation from OIV and OV
using the model described in Sec. II(d); and (4) dielectronic recombination. The OV and
OVI ionization fractions for this case (Case 1) at v = 0.5 v∞ are shown in Table 1. The
bulk of the remaining oxygen is in OIV. The OVI fraction of 2 × 10−6 is seen to be much
smaller than that deduced from observations (∼ 10−3; Lamers et al. 1980). This suggests
that X-rays play a dominant role in the production of OVI in the wind of ζ Pup.
The importance of properly treating ionization out of excited states can be seen in
the results of Cases 1 and 2. The results for Case 2 were obtained using a relatively simple
atomic model for oxygen similar to that of Drew (just 3 excited states). Virtually no OVI
is predicted in this case. The OVI in Case 1 is primarily produced by photoionization out
of excited states of the type 1s2 2s1 3l (l = s,p,d), which have photoionization threshholds
in the range of 38 - 45 eV. These excited states tend to be populated not by direct
photoexcitation from the ground state of OV, but rather by a series of excitation processes
through intermediate levels.
In Case 3 diﬀuse radiation from OIV and OV was neglected. Comparison of results
from Cases 1 and 3 indicate the OVI fractions tend to be fairly insensitive to the diﬀuse
radiation ﬁeld above the OIV edge (77.9 eV). This stems from the fact that the OVI is
primarily produced by photoionization out of excited states, and therefore is sensitive to
the radiation ﬁeld at lower photon energies.
The above results do not conﬁrm the conclusion reached by Pauldrach (1987),
who suggested that a suﬃcient amount of OVI could be produced without X-ray
radiation from a high temperature plasma. To attempt to understand the reasons for
this discrepancy, we examined the inﬂuence of the wind temperature distribution and
10

dielectronic recombination on our results. Cases 4 and 5 shows results from a calculation
which we assumed an isothermal wind temperature of T = Teﬀ . In Case 4 dielectronic
recombination was included, while in Case 5 it was not. It is seen that increasing the
wind temperature alone results in an order of magnitude increase in the OVI fraction.
It is further increased by a factor of 50 by neglecting dielectronic recombination. By
comparison, Pauldrach obtained an OVI fraction of about 10−3 using assumptions similar
to those of Case 5.
We conclude that the X-ray emission from a hot plasma source is primarily
responsible for the bulk of the OVI observed in the wind of ζ Pup. If the dielectronic
recombination rate coeﬃcients calculated by Nussbaumer and Storey (1983) are even
roughly correct, OVI is not likely to be produced in suﬃcient quantities without the
presence of an X-ray source. Production of OVI without X-rays becomes even more
problematic for late O and early B stars. This suggests that the OVI P-Cygni proﬁle can
be used to constrain the X-ray source characteristics. This is examined in the remainder
of this section.
(b) Influence of X-rays on Oxygen and Nitrogen Ionization Distributions
We next present results which illustrate how the X-ray radiation ﬁeld can aﬀect
ionization distributions of heavy element species. Figures 1 and 2 show the ionization
distributions for O and N, respectively, from two calculations for ζ Pup. In the ﬁrst
calculation, where the results are represented by curves with open squares, no high
temperature X-ray source was included in the calculation. In the second calculation,
a distributed X-ray source (shock model) was included which was constrained to match
the IPC and BBXRT spectral observations. The parameters for the diﬀerential emission
measure in Eq. (10) were α = +1 and xo = 5. (This case is discussed in more detail in
Sec. III(d).) The mass loss rate in each case was 5 × 10−6 M /yr.
Figures 1 and 2 show that the lower ionization stages (OIII-IV and NIII-IV) are
essentially unaﬀected by the X-rays. This is because their photoionization rates are
more sensitive to relatively low energy photons, which have large mean intensities. For
high ionization stages — OVI-VII and NVI-VII — the X-rays play a dominant role in
determining the ionization fractions. OV and NV represent intermediate cases where the
> 3R∗ for OV and r > 10 R∗ for NV. Note that
X-rays are important at larger radii: r ∼
∼
because NV is not predicted to be sensitive to the X-ray ﬁeld in our calculations for ζ
Pup, we have chosen not to attempt to use it to constrain the X-ray source characteristics.
11

Figure 1.

Ionization distributions for oxygen in the wind of ζ Pup. Curves marked
with open squares (2) were calculated without an X-ray source, while those
marked with ﬁlled circles (•) were computed using a distributed X-ray source
(see Sec. III(d)).
12

Figure 2. Same as Fig. 1, but for nitrogen.
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Note that OIV is predicted to be the dominant oxygen ion out to r ≈ 10R∗ .
Because of this, Auger ionization from OIV tends to be the dominant process for
producing OVI. Our prediction for OIV being the dominant species is consistent with
the results of Drew (1989), who provides results for OII-V at v = 0.5 v∞ which are all in
general agreement with ours. To test the sensitivity of this result to wind temperature,
we performed calculations with an isothermal cool wind component of T = 42, 000 K. We
found some small diﬀerences (∼ 10 − 20%) in the OIV fractions for this case as compared
to results using a Drew temperature distribution.
If the OIV fraction were found to vary signiﬁcantly with radius it could potentially
introduce some complexities in using the OVI P-Cygni proﬁle to deduce the location of the
X-rays. However, it will be seen below that the eﬀect that most dramatically inﬂuences
the OVI proﬁle is the reduction of X-ray intensity due to O K-shell attenuation in the
cool wind. And since the K-shell opacity from OIV and OV are similar in magnitude,
the primary conclusions of this paper should not be signiﬁcantly aﬀected by inaccuracies
in the computed OIV distributions.
(c) Coronal Results
We next describe results from a series of coronal calculations for ζ Pup in which
we examine whether the coronal hypothesis is consistent with both X-ray and UV data.
In our models, the mass loss rate was varied between Ṁ = 1 × 10−6 and 5 × 10−6 M /yr.
The X-ray region consisted of a thin isothermal zone at the top of the photosphere
(R∗ < r < Rcor ). We chose the maximum radius of the coronal region, Rcor , to be 1.1 R∗ .
This corresponds to a minimum cool wind velocity of 0.19 v∞ . The choice of coronal
radius can be important for the following reason. The optical depth at frequency ν for
the overlying wind can be written as:
τν = αν

 ∞
Rcor

nw dr = C

 1
w(Rcor )

1

dw w ( β −2) ,

where αν is the absorption cross section and C is a constant. Since the cool wind
component is most dense near the top of the photosphere (or corona), a signiﬁcant
contribution to the opacity comes from low velocity material near the base of the wind.
We chose Rcor /R∗ = 1.1 because it was felt that a larger value of Rcor would lead to a
minimum velocity for the cool wind that is not consistent with observed P-Cygni proﬁles
of the various ion species observed for ζ Pup.
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For each mass loss rate, the X-ray temperature and emission measure of the coronal
region were adjusted in an attempt to get a reasonable match with both the BBXRT
and IPC spectral data. After this was achieved, OVI P-Cygni proﬁles were computed
using the SEI code in conjunction with values of Ṁ qOVI predicted from the calculations.
Results are shown in Figures 3 through 6 for mass loss rates of Ṁ = 1 × 10−6 and
2 × 10−6 M /yr. OVI proﬁles were not calculated for higher mass loss rates because a
good match with the X-ray data could not be obtained in the spectral region from 0.6
to 1.5 keV; i.e., the photon energy range just above the K-shell edge for oxygen. The
X-ray temperature and emission measure for the former case was Tx = 5.0 × 106 K and
EMx = 3.0 × 1056 cm−3 . For the latter case Tx = 3.2 × 106 K and EMx = 2.4 × 1057 cm−3 .
Occultation by the stellar disk reduces the observable emission measure to about 65% of
the stated values.
Figure 3 shows the calculated frequency-dependent luminosities for the Ṁ =
1 × 10 (top) and 2 × 10−6 M /yr (bottom) cases. In each case the carbon K-edge
near 0.39 keV and oxygen K-edge near 0.64 keV are clearly present. The “spikes” in
the spectra are line emission from the hot plasma region as predicted by XSPEC. The
exception to this is at hν = 0.11 keV, which is due to the diﬀuse radiation ﬁeld which is
dominated by the recombination of OVI to OV. Since this results from the approximation
used in Eq. (8) to describe the diﬀuse radiation ﬁeld, it is not clear whether this feature
provides an accurate representation of this portion of the spectral region.
−6

The optical depths for the two cases are shown in Figure 4. Longward of the HeII
edge (54 eV), the continuum optical depth is very small (< 10−2 ). Just shortward of
the HeII edge the optical depth rises to about 10 and 30 for the low and high mass loss
> 10 R∗ )
rates respectively. Most of this opacity arises from material at large radii (r ∼
because the HeII fraction increases with radius. The OIV and OV edges arising from
ground state to ground state transitions are prominent at 77 and 114 eV, respectively, as
is the edge at 88 eV arising from the 1s2 2s2 2p1 2 P to 1s2 2s1 2p1 3 P transition. The carbon
and oxygen K-edges in the Ṁ = 2 × 10−6 M /yr case have peak optical depths of about
5 and 8, respectively. The nitrogen edges are not very prominent because its assumed
abundance is low (O/N ≈ 7.2 and C/N ≈ 3.6).
To compare with observational data, the computed ﬂuxes were fed through
instrumental response programs for BBXRT and IPC. Comparison of the model
predictions and observations are shown in Figure 5. The top plot shows the BBXRT
results while the lower plot shows the IPC results. In each case the Ṁ = 1 × 10−6 and
15

Figure 3.

Calculated frequency-dependent luminosity for coronal model calculations
with Ṁ = 1 × 10−6 (top) and 2 × 10−6 (bottom) M /yr.
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Figure 4.

Frequency-dependent wind optical depths for coronal models with Ṁ =
1 × 10−6 (solid curve) and 2 × 10−6 M /yr (dashed curve), calculated in radial
direction from top of corona to inﬁnity.

17

Figure 5.

Comparison of BBXRT (top) and Einstein IPC (bottom) spectral data with
coronal model results for Ṁ = 1 × 10−6 (solid curve) and 2 × 10−6 M /yr
(dashed curve).
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2 × 10−6 M /yr cases are represented by solid and dashed curves, respectively. Note that
the BBXRT spectral range is smaller than IPC, but the spectral resolution is substantially
better. In fact, the feature near 1.3 keV has been attributed to Mg XI line emission, which
is indicative of a plasma temperature of about 6 − 8 × 106 K (Corcoran et al. 1992).
For the Ṁ = 1 × 10−6 M /yr case, the model predictions are in reasonable
agreement with both the BBXRT and IPC data. The calculated spectrum is typically
within about a factor of 2 of the data, although deviations from the BBXRT data are
somewhat larger below 0.8 keV. A softer spectrum using a lower X-ray temperature might
produce somewhat better agreement with the BBXRT data, but the IPC agreement would
be worse. It is worth noting, however, that the BBXRT and IPC observations were made
at diﬀerent times (several years apart), and that the X-rays from ζ Pup are known to
vary with time (Collura et al. 1989). Thus, the X-ray source characteristics may have
been somewhat diﬀerent at the times of the BBXRT and IPC observations.
The optical depth at the K-shell edge in the lower mass loss calculation is about
4, which is marginally consistent with the analysis of Corcoran et al., who found
1.0 < τ < 3.6. Given the assumptions in the model (isothermal temperature for the
X-ray source, cosmic abundances), we consider the agreement with the X-ray data for
this model to be satisfactory. Clearly, a better ﬁt to the data could be obtained by using
a multi-temperature model or by adjusting the elemental abundances.
For higher mass loss rates the agreement between the calculated ﬂuxes and
observation deteriorates rapidly. In the IPC plot, the calculated ﬂuxes from 0.4 to 1.0 keV
for the Ṁ = 2 × 10−6 M /yr case are somewhat depressed relative to the data because
of C and O K-shell absorption. The overall agreement, however, is not particularly bad.
The discrepancies with the BBXRT data are much more pronounced. Oxygen absorption
results in a calculated ﬂux which is a factor of 3 to 10 too low in the 0.7 to 1.0 keV range.
It is also worth noting the Mg XI line emission detected by BBXRT at 1.3 keV (Corcoran
et al. 1992) decreases for a lower temperature X-ray source (Raymond and Smith 1977).
Because of BBXRT’s higher spectral resolution, the constraints on X-ray source models
are much more stringent.
The above results suggest that the coronal hypothesis could be valid for ζ Pup
< 1 × 10−6 M /yr. This represents a value which is a factor 3.5 and 5.0 lower
only if Ṁ ∼
than that suggested by the radio data of Abbott et al. (1980) and Bieging et al. (1989).
Although this poses a serious problem for the coronal hypothesis, it does not rule out
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the possibility that there could be signiﬁcant X-ray emission from a corona at the wind
base for several reasons. Firstly, the radio data in some sense should represent an upper
limit to the mass loss rate. Any “clumping” in the wind due to density enhancements
or a non-spherical mass distribution could lead to an overestimate of the mass loss rates
deduced from radio data, as discussed by Abbott et al. (1981). In addition, magnetic
ﬁelds in the wind can enhance radio ﬂux and lead to overestimates of mass loss rates
(Maheswaran and Cassinelli 1992). Secondly, the primary discrepancy with the X-ray
data arises from oxygen absorption. If oxygen is signiﬁcantly depleted in the atmosphere
of ζ Pup relative to the cosmic value, the attenuation is of course reduced. Any depletion
of heavy elements would have relatively little eﬀect on the radio data interpretation. We
know of no studies, however, which support such a depletion. Thirdly, it is also possible
that the X-rays could be emitted by both shocked material embedded in the wind and
a corona at the base, with the corona emitting relatively hard X-rays which are not
as aﬀected by cool wind attenuation. But if the mass loss rate deduced from radio
observations is approximately correct and there is no signiﬁcant oxygen depletion, the
constraints imposed in particular by the BBXRT data strongly suggest that at least the
soft component of the X-rays comes from a source that is embedded in the wind.
If the mass loss rate is in fact lower than the values determined from radio
observations, one might ask whether the OVI P-Cygni proﬁles are consistent with a base
corona. Figure 6 shows the P-Cygni proﬁles computed using the values of Ṁ qOVI (r) from
the Ṁ = 1 ×10−6 and 2 ×10−6 M /yr cases. The results are compared with the observed
proﬁle extracted from Morton (1976). The emission peaks from the model calculations
are seen to be somewhat high relative to the data. But since the overall agreement is
reasonable, we cannot rule out these models from the UV data alone. We conclude that
the coronal hypothesis for ζ Pup is consistent with both UV and X-ray observations if
< 1 × 10−6 M /yr. And since the X-ray emission measure is < 1057 cm−3 , such a
Ṁ ∼
model is not inconsistent with the observations of Baade and Lucy (1987).
(d) Distributed X-ray Emission (Shock) Calculations
If X-rays are emitted from a region above the base of the wind, is it possible to place
some constraints on the source location from the OVI proﬁle? Numerical simulations by
Owocki (1991) and Owocki et al. (1988) suggest that strong shocks can begin forming
due to radiative driven instabilities by r ≈ 1.3 R∗ . On the other hand, Chlebowski (1989)
suggests the X-rays may originate at a point far from the star due to the interaction of
20

Figure 6.

Comparison of observed OVI P-Cygni proﬁle for ζ Pup (solid curve) with
calculated proﬁles for coronal models with Ṁ = 1 × 10−6 (curve with open
circles) and 2 × 10−6 M /yr (curve with ﬁlled squares).
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the wind with circumstellar matter. To address the question of X-ray source location, we
performed a series of calculations in which the distribution of the X-ray emission from
the wind was varied.
In the ﬁrst series of calculations the X-ray emission measure distribution was
speciﬁed using Eqs. (9) and (10) with α = −3. The value of xo was varied from 1.3 to
4.0. In these models, there is little X-ray emission emitted from regions of the wind where
r/R∗ < xo . This is shown in Figure 7, where the cumulative emission measure for each
of the 3 calculations in this series is plotted as a function of scaled velocity (= v/v∞ ).
The total X-ray emission measure and temperature were adjusted to produce reasonably
good agreement with the BBXRT and IPC data. The total emission measure increases as
xo decreases because of the greater attenuation by the overlying wind. In each case the
X-ray temperature was 106.8 K (6.3 × 106 K) and the mass loss rate was 5 × 10−6 M /yr.
The resulting spectra are compared with BBXRT and IPC observations in
Figure 8. In each case the agreement between the calculated spectrum and observation
is reasonably good, although the calculated ﬂuxes are somewhat low below 0.7 and near
1.3 keV. As xo decreases the spectrum is slightly softer because of increased attenuation.
It does not, however, become drastically softer because much of the emission comes from
r/R∗ > xo . Corcoran et al. (1992) found that better ﬁts to the BBXRT spectrum could
be obtained by lowering the Fe abundance (which lowers the emission in the 0.8 – 1.1 keV
range) and increasing the Mg abundance (which produces a higher peak at 1.3 keV). One
could alternatively attempt to use multi-temperature models to produce a better ﬁt with
the data. In the present paper we have chosen not to do this because our primary goal is
to investigate the dependence of the OVI P-Cygni proﬁle on X-ray source properties. It
is therefore felt the agreement between the calculated spectra and observations is quite
adequate.
The OVI ionization distributions for each case are shown in Figure 9 as a function
of scaled velocity. In each case the ionization fraction peaks at a radius of r ≈ xo R∗ with
Ṁ qOVI ≈ 1.0−1.5×10−8 (or q ≈ 2−3×10−3). Below this, the ionization fraction decreases
rapidly as the photosphere is approached. This occurs because X-rays originating from
points far above the photosphere cannot penetrate through the intervening cool wind to
Auger ionize material at lower levels. This attenuation by material between r = R∗ and,
say, r = 2 R∗ is exactly the same phenomenon which causes serious problems for coronal
< 0.3 v∞ ) an increase in the OVI fraction is caused by
models. At lower velocities (v ∼
non-Auger processes (see Figure 1).
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Figure 7.

X-ray emission measure distributions used in shock model calculations plotted
as a function of scaled velocity (= v/v∞ ). The curves with open symbols
correspond to cases with α = −3 and xo = 1.3 (circles), xo = 2.0 (diamonds),
and xo = 4.0 (squares). The curve with ﬁlled triangles corresponds to the case
with α = +1 and xo = 5.0. The parameters α and xo are deﬁned in Eq. (10).
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Figure 8.

Comparison of observed X-ray spectra for ζ Pup (error bars) and calculated
spectra from distributed X-ray emission models with α = −3, and xo = 1.3
(solid curve), xo = 2.0 (dotted curve), and xo = 4.0 (dashed curve).
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Figure 9.

Product of mass loss rate times OVI ionization fraction as a function of scaled
velocity for distributed X-ray emission models. The curves with open symbols
correspond to cases with α = −3 and xo = 1.3 (circles), xo = 2.0 (diamonds),
and xo = 4.0 (squares). The curve with ﬁlled triangles corresponds to the case
with α = +1 and xo = 5.0. The parameters α and xo are deﬁned in Eq. (10).
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For the xo = 4 case it is seen that the OVI fraction remains very low until
v ≈ 0.8 v∞ . That is, if very few X-rays originate below 4R∗ , one should expect relatively
little OVI to exist in the region of the wind where velocities are low and densities are
high. As more and more X-rays are generated at smaller radii (see xo = 1.3 and 2.0
cases), more OVI is produced in the low velocity material.
The eﬀect of the OVI distribution on its P-Cygni proﬁle is shown in Figure 10.
For the xo = 1.3 case the general shape of the proﬁle is similar to the observed proﬁle.
The emission peak is a little too high and the absorption at w ≈ 0 is somewhat
strong, indicating the OVI fraction is slightly high. Nevertheless, the overall qualitative
agreement with observation is quite reasonable. At the other extreme, the xo = 4 case
shows very little in the way of an emission peak. The proﬁle for this case shows 2 distinct
absorption features due to the red and blue components. The absence of a pronounced
emission peak is due to the fact that there is little OVI in the high density portion of the
wind. Even for the xo = 2 case the emission feature begins to become less peaked. Thus,
our results strongly suggest that there is a signiﬁcant source of X-ray emission located
within 2 R∗ .
Somewhat better agreement with the observed proﬁle is attained when the X-ray
emission is distributed more uniformly throughout the wind. Figure 11 shows the proﬁle
computed for the case of α = +1 and xo = 5. The corresponding distributions of emission
measure and Ṁ qOVI are represented by the curves with triangles in Figures 7 and 9. In
this case the OVI fraction rises more slowly with velocity out to r ≈ 5 R∗ . The peak is
reduced relative to the xo = 1.3 case in Figure 10, and is in better agreement with the
observed peak. In this particular case, roughly one-third of the total emission measure
originates from r < 2 R∗ (v < 0.6 v∞ ). The results again show that there must be a
< 2 R∗ .
substantial X-ray ﬂux originating from material at r ∼
These results are consistent with the theory that strong shocks form rapidly in
the lower regions of the wind where the radiative driving force is large (Owocki et al.
1988). Although shocked X-ray emitting regions may also exist at larger radii, their Xrays should have little eﬀect on the OVI production at low velocities. Our results present
very serious problems for any hypothesis which suggests that all X-rays originate from
regions far above the photosphere (more than a few R∗ ). Thus, the Chlebowski (1989)
suggestion that the X-rays may be due to the interaction of the wind with circumstellar
matter is not consistent with our results.
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Figure 10.

Comparison of observed OVI P-Cygni for ζ Pup (solid curve) with those
computed from distributed X-ray emission models with α = −3, and xo = 1.3
(dotted curve with circles), xo = 2.0 (dashed curve with diamonds), and
xo = 4.0 (dash-dotted curve with squares.)
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Figure 11.

Same as Fig. 10, but for the distributed X-ray emission case with α = 1 and
xo = 5. The observed and calculated proﬁles are represented by the solid and
dashed curves, respectively.
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IV. Summary
We have presented results from detailed wind ionization calculations which show
how the OVI ionization fraction and its P-Cygni proﬁle are aﬀected by X-ray source
characteristics. Detailed atomic models were used in an attempt to simulate as accurately
as possible the complex array of radiative and collisional processes that can occur in hot
star winds. Calculations were performed with and without a hot plasma X-ray source to
examine whether suﬃcient amounts of OVI can be produced without X-rays. Our results
indicate the OVI in the wind of ζ Pup is produced primarily by X-ray photoionization.
This contradicts the conclusion by Pauldrach (1987). Because of its dependence on the
X-ray ﬂux, we ﬁnd that OVI P-Cygni proﬁles provide useful constraints for investigating
the characteristics of hot star X-ray sources.
Our results also indicate that a signiﬁcant X-ray ﬂux originates from regions within
2 stellar radii. This is due to the fact that the soft X-rays that produce OVI are strongly
attenuated by cool wind material in this region. X-rays originating at radii more than a
few stellar radii cannot be transported downward to produce suﬃcient amounts of OVI
in the high density, low velocity region. In the absence of a substantial source of X-rays
< 2 R∗ , calculated OVI P-Cygni proﬁles were shown to have reduced emission peaks
at r ∼
and were not in agreement with the observed proﬁle for ζ Pup. Our results are therefore
not compatible with the suggestion by Chlebowski (1989) that X-rays originate far from
the star.
We ﬁnd that an exclusively coronal source for ζ Pup is consistent with both X< 1 × 10−6 M /yr, or there is a signiﬁcant
ray and UV observations only if either Ṁ ∼
depletion of oxygen in its upper atmosphere. This mass loss rate is a factor of 3.5 and
5.0 lower than the radio-deduced values of Abbott et al. (1980) and Bieging et al. (1989),
respectively. The coronal models described in this paper have signiﬁcantly lower X-ray
emission measures and mass loss rates than those described by Cassinelli et al. (1981)
and Waldron (1984). The restriction for low mass loss rates results in large part from
the more stringent constraints imposed by recent higher-resolution BBXRT observations
(Corcoran et al. 1992). Because of the lower coronal emission measures, the optical
observations of Baade and Lucy (1987) do not rule out the possibility of a coronal X-ray
source. Nevertheless, the discrepancies that arise between X-ray and radio observations
still pose serious problems for the coronal hypothesis.
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We have presented results from distributed X-ray emission calculations which
are simultaneously consistent with X-ray, radio, and OVI UV observations. Using a
mass loss rate consistent with radio data, our results suggest that strong shocks likely
< 2 R∗ . These results are consistent with radiation-hydrodynamics
begin forming at r ∼
simulations of Owocki (1991) and Owocki et al. (1988), who predict strong shocks start
to form due to line driven instabilities at r ≈ 1.3 R∗ . Thus, if the radio-deduced mass
loss rate is approximately correct, the argument that radiatively-driven instabilities lead
to the rapid formation of wind shocks is supported not only by X-ray observations, but
also by the OVI P-Cygni proﬁle of ζ Pup.
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